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“The	  black	  light	  of	  the	  
interstellar	  medium	  of	  deep	  
space	  illumines	  all	  that	  is	  not,	  to	  
be	  seen	  and	  not	  to	  ‘Be’.	  To	  
‘Be’	  and	  not	  seen	  –	  this	  is	  the	  
path	  of	  the	  Panther	  woman.	  
	  
From	  the	  hydrogen	  oceans	  of	  
Deep	  Space	  she	  condenses	  rain.	  
Water	  precipitates	  from	  Her	  
Vast	  Womb,	  falling	  onto	  planets	  
open	  to	  Her	  Life–giving	  
moisture.”	  

What	  you	  get	  if	  you	  google	  image	  search	  
“interstellar	  medium”…	  

From	  the	  hydrogen	  oceans	  of	  
Deep	  Space	  she	  condenses	  rain.	  
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Figure 45. Atlas of data and calculations for NGC 5055.
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Figure 8. Sampling data for all seven spiral galaxies plotted together. Top left: ΣSFR vs. ΣHI; top right: ΣSFR vs. ΣH2; middle right: ΣSFR vs. Σgas. The bottom-left and
right panels show ΣSFR vs. Σgas using Hα and a combination of Hα and 24 µm emission as SF tracers, respectively (for a subsample of six spirals). The sensitivity
limit of each SF tracer is indicated by a horizontal dotted line. The black contour in the bottom panels corresponds to the orange contour in the middle-right panel and
is shown for comparison. The vertical dashed lines indicate the value at which ΣHI saturates and the vertical dotted lines (top-right and middle-left panels) represent
the sensitivity limit of the CO data. The diagonal dotted lines and all other plot parameters are the same as in Figure 4. The middle-left panel shows histograms of the
distributions of H i and H2 surface densities (normalized to the total number of sampling points above the respective sensitivity limit) in the sample.



H2	  and	  SF	  at	  Low	  Column	  /	  Z	  
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Figure 13. Star formation and gas from inner to outer disks (left: spirals; right: dwarf galaxies). Filled contours show the pixel-by-pixel distribution of ΣSFR as a
function of Σgas inside r25 (filled contours) for a subset of our sample (Bigiel et al. 2008). Empty contours show outer disk data (see Figure 8) with black filled circles
indicating median and scatter. Plot parameters are as in Figure 8. In spirals, the steep relation between ΣSFR and Σgas seen inside r25 becomes more shallow at large
radii, leading to relatively modest variations in the median SFE (depletion time) across the outer disks (though the scatter is large). For both spiral and dwarf galaxies,
data from inside r25 appear to more or less continuously extend into the outer disk. Note that the slight offset in ΣSFR between the outer and inner disk data is due to
different methodology in deriving SFRs in the two regimes (see the text for details). These data are also available in Tables 2 and 3.

Figure 14. SFE (i.e., SFR/gas or FUV/H i) as a function of galactocentric radius from 0 to 2 × r25 in spiral (left) and dwarf (right) galaxies. The vertical dashed line
indicates r25. Contours and black filled circles right of this line are as in Figure 9. Data inside r25 are from Leroy et al. (2008) and are derived accounting for internal
extinction and the presence of molecular gas (meaning that some discontinuity at r25 may be expected). We illustrate the effects of neglecting these two factors by the
black set of contours, which show an extension of the outer disk data (the red contour) toward smaller radii. The dashed lines show fits to the SFE inside r25 from
Leroy et al. (2008). The outer disk data are roughly consistent with these trends inside ∼1.5r25 but at large radii the decline in the SFE is more shallow than it is inside
the optical disk.

Our second simple conclusion is that both H i column and
FUV intensity decline systematically at large radii. For H i, this
represents a contrast with the inner disk, where the azimuthally
averaged H i surface density tends to be flat or even increase
with increasing radius. As a result, outer disks are home to
column densities seldom found inside the optical radius; in
the regime we study in spirals, column densities <3 M# pc−2

account for the majority of data. For FUV, the decline that we
observe outside r25 appears approximately consistent with the
decline in SFR inferred from combined IR and UV profiles
inside r25 (Leroy et al. 2008). The rate of decline in H i and
FUV intensity for a given galaxy appears to be correlated but
not identical; parameterizing the decline with exponential scale
lengths, we find the FUV intensity to decline with a scale length

approximately half that of the H i. With the SFR declining faster
than the gas reservoir, star formation becomes less efficient with
increasing radius, though this decline is actually milder than that
observed inside r25.

Despite the mismatch in scale lengths, we find a fairly good
overall relationship between H i and FUV (measured via direct
scatter plot or rank correlation). This is surprising given the
extremely poor correlation between H i and SFR (traced mainly
by IR emission) found inside star-forming disks (Wong & Blitz
2002; Kennicutt et al. 2007; Leroy et al. 2008; Bigiel et al.
2008) and gives a strong hint that different physics governs
the formation of star-forming clouds at large radii. This agrees
qualitatively with the results of Hunter et al. (2010), who
found that the integrated H i-richness of dwarf galaxies appears

The Astronomical Journal, 142:37 (25pp), 2011 August Schruba et al.

Figure 11. ΣSFR (y-axis) from FUV + 24 µm (left) and Hα + 24 µm (right) as a function of different gas phases: H i alone (top), H i+H2 (middle), and H2 alone
(bottom). Each point in these diagrams represents a radial average in a given galaxy. Regions that are H2-dominated are plotted with dark blue symbols, regions that
are H i-dominated in light red symbols. The bottom panels show only regions with at least marginal CO signal, while the top and middle panels show also regions
where we determined only an upper limit on the molecular content. Whereas SFR is not correlated with H i (in the inner parts of galaxy disks), it correlates with
H2 and total gas. The scaling with H2 is uniform and linear for all regimes; the scaling with total gas exhibits a change in slope at the transition between H i- and
H2-dominated environments.
(A color version of this figure is available in the online journal.)

After removing these galaxy-to-galaxy variations we find a
series of extraordinarily tight relationships between CO and
tracers of recent star formation. The most striking—and puz-
zling—example of this is the emergence of a tight correlation
between CO and FUV emission in the outer parts of galax-
ies (r > 0.5 r25). This is puzzling because one would ex-
pect the galaxy to be mostly causally disconnected over the
timescales predominantly traced by FUV emission—20–30 Myr
compared to a dynamical (orbital) time of a few 100 Myr.
Yet, somehow the differences between galaxies affect the

CO-to-FUV ratio much more than the differences between the
widely separated rings represented by our data points. Galaxy-
wide variations in metallicity and dust abundance probably
offer the best explanation for this. These may propagate into
variations in the CO-to-H2 conversion factor and the average
dust extinction. The latter may lead to scatter in estimates of
SFR and both will affect τdep. An alternative explanation is
that external processes, which affect the whole galaxy, play
a large role in setting the SFR on timescales traced by FUV
emission.
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Total	  gas:	  
Bigiel+	  2010	  

H2	  only:	  Schruba
+	  2011	  

H2	  and	  SF	  do	  not	  go	  to	  0	  at	  low	  column;	  instead,	  there	  
seems	  to	  be	  a	  floor:	  fH2	  ~	  0.02,	  tdep,H2	  ~	  2	  Gyr	  



Three	  Questions	  for	  Theory	  
A	  first	  order	  description	  of	  star	  formation	  in	  nearby	  

galaxies	  appears	  to	  be	  SFR	  =	  MH2	  /	  2	  Gyr	  

	  

•  What	  sets	  the	  H2	  fraction?	  

•  Why	  does	  SF	  care	  about	  H2?	  

•  How	  is	  H2	  related	  to	  CO?	  Deferred	  to	  talk	  by	  Desika	  

Narayanan;	  also	  see	  Narayanan+	  (2011,	  2012),	  Shetty+	  

(2011,	  2012)	  and	  Feldmann+	  (2012a,	  2012b)	  



Chemical	  Structure	  

HI,	  CII	  

H2,	  CII	  

H2,	  CO	  

Interstellar	  
UV	  photons	  

T	  ~	  300	  K	  

T	  ~	  20	  K	  

T	  ~	  10	  K	  



Chemical	  and	  Thermal	  Balance	  
H2	  formation	   H2	  photodissociation	  

Decrease	  in	  
rad.	  intensity	  

Absorption	  
by	  dust,	  H2	  

Decrease	  in	  
rad.	  intensity	  

Absorption	  by	  
dust	  

Line	  cooling	   Photoelectric	  heating	  

Caveat:	  this	  is	  assumes	  
equilibrium,	  which	  may	  not	  hold	  



Calculating	  Molecular	  Fractions	  
To	  good	  approximation,	  
solution	  only	  depends	  on	  
two	  numbers:	  
	  
	  
An	  approximate	  analytic	  
solution	  can	  be	  given	  from	  
these	  parameters.	  
τR	  depends	  only	  on	  galaxy	  
Σ,	  Z	  ⇒	  can	  be	  measured	  
directly	  

Analytic	  solution	  for	  location	  of	  HI	  /	  H2	  
transition	  vs.	  exact	  numerical	  result	  



Calculating	  fH2	  

•  Approximate	  solution:	  

•  Qualitative	  effect:	  fH2	  

goes	  from	  ~0	  to	  ~1	  when	  

ΣZ	  ~	  10	  M¤	  pc–2	  
Krumholz,	  McKee,	  &	  Tumlinson	  (2008,	  
2009);	  McKee	  &	  Krumholz	  (2010)	  
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Figure 12. (Continued) Left: B1; right: NGC 1333.

Table 2
Properties of RH2 Radial Profiles

Region αa δa α1 α2 rb
b Rb,H2

c rt
d rH i

e dt
f

(J2000) (J2000) (′) (′) (′) (′)

B5 03 47 39 + 32 51 28 3.69 ± 0.15 0.44 ± 0.01 ∼90 ∼0.7 ∼120 ∼160 ∼30 (<0.19)
IC348 03 44 13 + 32 04 13 3.22 ± 0.06 0.57 ± 0.01 ∼70 ∼1.2 ∼120 ∼150 ∼50 (<0.33)
B1E 03 36 45 + 31 12 40 1.67 ± 0.02 0.42 ± 0.01 ∼30 ∼1.2 ∼90 ∼150 ∼60 (<0.40)
B1 03 33 18 + 31 08 23 2.21 ± 0.05 0.70 ± 0.01 ∼60 ∼0.8 ∼110 ∼170 ∼50 (<0.29)
NGC 1333 03 29 17 + 31 21 16 1.43 ± 0.04 0.61 ± 0.01 ∼60 ∼0.5 ∼100 ∼190 ∼40 (<0.21)

Notes.
a Central position of each region. For B5 and B1, the centers correspond to the I13CO peaks as their RH2 peaks are masked. For IC348,
B1E, and NGC 1333, the centers correspond to the RH2 peaks.
b Radius where the transition from the steep to shallow power-law functions occurs.
c RH2 at rb.
d Radius where the H i–H2 transition occurs. This radius is defined at RH2 ∼ 0.25.
e Radius where gas is mainly in H i. This radius is defined at RH2 ∼ 0.1.
f Thickness of the H i–H2 transition region. This is measured as rt − rb. The values in parentheses are dt/rH i.
b,c,d,e Estimated by eye. b,d,e,f 1′ corresponds to 0.09 pc at the distance of 300 pc.

φCNMnmin, φCNM = 6–10 translates into TCNM = 60–75 K under
the assumption of thermal pressure allowing the coexistence
of CNM and WNM (see Equation (19) of KMT09). This
temperature range is indeed consistent with typical CNM
properties in the solar neighborhood. Heiles & Troland (2003b)
examined H i emission/absorption spectra obtained toward 79
radio sources and found a median Ts of ∼70 K for CNM.

While φCNM appears to systematically decrease toward the
west of Perseus, we find no significant difference in φCNM
between the dark and star-forming regions. This implies that
H i envelopes surrounding these regions have similar nCNM. We
estimate nCNM = 20–30 cm−3 using G′

0 = G/G0 = 0.4 derived
from Equation (5) with Tdust = 17 K. The similar nCNM further
suggests a similar normalized radiation field χ of 1–1.5. As
χ measures the relative importance of dust shielding and H2
self-shielding, χ ∼ 1 implies that dust shielding and H2 self-
shielding are equally important for H2 formation in Perseus.

7.2.3. Column Density at the H i–H2 Transition

KMT09 assume an infinitely sharp H i–H2 transition and
in this case RH2 would be zero at the H i shielding column
density. However, in reality, the transition cannot be infinitely
sharp and KMT09 estimate RH2 ∼ 0.25 at the H i shield-
ing column density by comparing the theoretical H i shield-
ing column densities with the detailed numerical radiative

transfer calculations. For solar metallicity, KMT09 predict (as
shown with the red solid curves) that RH2 ∼ 0.25 occurs at
ΣH i + ΣH2 = 7–10 M$ pc−2. This is indeed consistent with what
we see in Figure 12; RH2 ∼ 0.25 at ΣH i + ΣH2 = 6–12 M$ pc−2

or N (H i) + 2N (H2) = (8–14) × 1020 cm−2. This transition col-
umn density is a factor of 2–3 larger than what previous studies
found in the Galaxy via UV absorption measurements (e.g.,
Savage et al. 1977; Gillmon et al. 2006). However, considering
that the previous studies defined the transition column density at
RH2 ∼ 0.1 and ΣH2 linearly increases with ΣH i + ΣH2, our result
is consistent with the previous studies.

7.3. RH2 Radial Profiles

To investigate how RH2 radially changes from a molecular
peak, we plot RH2 as a function of distance from the center
of each dark and star-forming region in Figure 13. We use
the data points in the rectangular boxes (see Figure 10) and
calculate the mean RH2 in three-pixel size bins (bin size = 12.′9,
corresponding to 1.1 pc at the distance of 300 pc) to remove
small-scale fluctuations.

For all five regions, we find two power-law functions (RH2 ∝
r−α) in their radial profiles up to r ∼ 150′. Beyond r ∼ 150′,
the radial profiles show slight fluctuations due to the presence
of small-scale structure in the RH2 image and/or become flat.
We perform a linear least-squares fit to each radial profile up
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Observational	  Test:	  
Individual	  Clouds	  in	  the	  MW	  

Lee+	  2012	  

KMT09	  



Tests	  at	  Low	  Metallicity	  
The Astrophysical Journal, 741:12 (19pp), 2011 November 1 Bolatto et al.

cZ
=

5

cZ
=

1

cZ
=0.

2

log Σgas (M pc−2)

lo
g[

Σ
H

2/
Σ

H
I]

 

 

0.6 0.8 1 1.2 1.4 1.6 1.8 2 2.2 2.4 2.6
−1.5

−1

−0.5

0

0.5

1

OML10
OML10h

Figure 5. Ratio of molecular-to-atomic gas in the SMC. The blue contours and
the gray scale show the two-dimensional distribution of the ratio ΣH2/ΣH i vs.
Σgas on scales of r ∼ 12 pc and r ∼ 200 pc, respectively (note that the hard edge
present in the blue contours at low ratios and low Σgas is the result of our adopted
2σ cut in ΣH2). The dotted horizontal line indicates ΣH2/ΣH i = 1, denoting the
transition between the regimes dominated by H i and H2. The dash-dotted,
dashed, and solid lines show the predictions of KMT09 for different values of
the cZ parameter, as in Figure 3. For the SMC, cZ = 0.2 at r ∼ 12 pc, and the
KMT09 curve overestimates the molecular-to-atomic ratio by a factor of two to
three. At r ∼ 200 pc we may expect cZ ≈ 1 using the standard clumping factor
c = 5 adopted by KMT09 for unresolved complexes. Although molecular gas
in the SMC is highly clumped, the atomic gas is not, so the cZ = 1 curve
overestimates ΣH2/ΣH i at 200 pc. The thick gray and black contours indicate
the predicted surface density ratio of gas in gravitationally bound complexes to
diffuse gas, Σgbc/Σdiff , in OML10 and in the model modified to incorporate the
extra heating of in the diffuse gas (OML10h; see Section 4.2.1), respectively.
The contours are calculated for the metallicity and distribution of stellar plus
dark matter density in the SMC. The original OML10 prediction for Σgbc/Σdiff
is considerably higher than the observed ΣH2/ΣH i. The tightness of the contours
is due to the fact that the self-gravity of the gas dominates over the stellar plus
dark matter contribution, thus there is an almost one-to-one correspondence
between Σgas and the prediction for Σgbc/Σdiff .
(A color version of this figure is available in the online journal.)

the velocity range vlsr ≈ 120–180 km s−1, taken to be repre-
sentative of the disk of the galaxy. We find that this exercise
lowers ΣH i by at most 30% the faint regions of the Wing, and
more typically ∼10%–15%. This is a small correction in the
molecular ratio, well within our uncertainties in ΣH2 alone, and
although it may significantly contribute to the observed disper-
sion in ΣH2/ΣH i, it cannot be the cause of its offset with respect
to normal galaxies. The SMC is strikingly bad at turning its
wealth of atomic gas into molecular gas, particularly given the
very high surface densities found in this galaxy.

3.5. Synthesis of Results

Using our dust-based ΣH2 map, we showed that to first order
the molecular star formation law in the SMC resembles that in
disk galaxies. There is still room within the uncertainties for a
factor-of-two-to-three decrease in τmol

dep , but our best estimates
at 0.2–1 kpc resolution imply very good agreement between
this low-metallicity dwarf and more massive disk galaxies.
Note that since the scaling is linear, this result is insensitive

to uncertainty in inclination or other aspects of the SMC’s
geometry. By contrast, the total gas star formation law is offset
significantly from that observed in large galaxies. The SMC
harbors unusually high ΣH i and low ΣSFR at a fixed total gas
surface density (although the ΣSFR versus Σgas distribution moves
closer to the loci of large spirals if the star and gas are in a disk
inclined by i > 40◦, or if the galaxy is elongated along the line
of site). At a given Σgas, the molecular gas fraction is also offset
to values lower than those observed in massive disk galaxies, by
typically an order of magnitude.

Two natural corollaries emerge from these observations. First,
molecular clouds in the SMC are not extraordinarily efficient
at turning gas into stars; star formation proceeds in them at a
pace similar to that in GMCs belonging to normal disk galaxies.
This suggests that, down to at least the metallicity of the SMC
(Z ∼ Z%/5), the lower abundance of heavy elements does not
have a dramatic impact on the microphysics of the star formation
process, although it does appear to have an important effect at
determining the fraction of the ISM capable of forming stars.

This is not a foregone conclusion. For example, it is conceiv-
able that the low abundance of carbon and the consequent low
dust-to-gas ratio and low extinction would affect the ionization
fraction in the molecular gas. This may result in changes in
the coupling with the magnetic field, perhaps slowing the GMC
collapse and resulting in lower SFE and longer τmol

dep . Or, alter-
natively, the low abundance of CO (an important gas coolant
in dense molecular cores) could make it difficult for cores to
shed the energy of gravitational contraction, slowing their col-
lapse and again resulting in longer timescales for consuming
the molecular gas (but see Krumholz et al. 2011). Our result im-
plies that to first order metallicity does not have a large impact
on the rate at which star formation proceeds locally in molecular
gas in the SMC. Firming up this conclusion, however, requires
detailed studies of molecular cloud lifetimes (for example, see
Fukui et al. 1999).

Second, these observations provide very strong evidence that
star formation activity is related directly to the amount molecular
gas, with H i coupled to SFR only indirectly. This should be
tempered by the consideration that, as pointed out in Section 2.1,
our dust-derived H2 map may include a contribution from
very cold, strongly self-absorbed H i (such as that sometimes
associated with molecular cloud envelopes), which we cannot
easily disentangle from molecular material in our analysis. The
strong relation between molecular material and star formation
explains some puzzling observations in the context of H i-
dominated systems. Wolfe & Chen (2006) searched for low
surface brightness galaxies in the Hubble Ultra Deep Field, with
the expectation that, based on Damped Lyman Alpha (DLA)
neutral gas column density statistics and the star formation law,
a measurable fraction of the sky should be covered by low
brightness objects if star formation takes place in DLAs. Their
study (as well as the recent extension by Rafelski et al. 2011)
shows that star formation activity in DLAs is suppressed by
over an order of magnitude (factors of 30–100) with respect
to the predictions based on the total gas Schmidt law. Wolfe
& Chen indeed suggest that part of the explanation may be
a low molecular fraction in DLAs. More recently, Krumholz
et al. (2009a) show that although the observed distribution of
column densities in QSO-DLA systems theoretically requires
the existence of a significant cold phase, they are inconsistent
with the expectation of large molecular fractions. This is simply
a reflection of the fact that, given their low metallicities, their
densities are not large enough to sustain significant molecular
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Figure 2. Comparison between observations of the H i surface density (crosses)
with prediction from the KMT model (lines) as a function of the metallicity.
Different curves are computed for different total gas column densities (Σ′

gas = 50
solid line, Σ′

gas = 102 dotted line, Σ′
gas = 5 × 102 dashed line, and Σ′

gas = 103

dash-dotted line). The KMT model is computed for c = 1 and H i data are shown
as lower limits since they are averaged over regions which are more extended
than 100 pc (see the text for further details). Observations do not rule out the
KMT model since there is a significant overlap between the parameter space
allowed by both the theoretical curves and the data.

as a function of the metallicity. Different curves are computed
for different total gas column densities (Σ′

gas = 50 solid line,
Σ′

gas = 102 dotted line, Σ′
gas = 5 × 102 dashed line, and Σ′

gas =
103 dash-dotted line). Here, and for the rest of this analysis,
we correct the gas column density for helium with a standard
coefficient 1.36. We do not include corrections for projection
effects because in dwarf galaxies a unique inclination angle is
not well defined for a warped (non-planar) H i distribution or in
a triaxial system.

As discussed in Appendix A, interferometric H i observations
do not achieve the resolution required to match the HST
observations. A possible solution is to downgrade HST images to
match the atomic hydrogen maps. However, since the exact value
for c would be unknown at the resultant resolution (!100 pc),
we perform our analysis on scales <100 pc, compatible with
HST images and where c → 1. For this reason, we express
the observed H i column density as lower limits on the local
ΣH i. This is because coarser spatial resolutions most likely
average fluxes on larger areas, thus lowering the inferred peak
column density. Indeed, whenever H i observations at different
resolutions are compared, better resolution is associated with
higher column densities. SBS 0335−052 E is an example:
this BCD has ΣH i = 7.4 × 1020 cm−2 in a beam of 20.′′5 ×
15.′′0 (Pustilnik et al. 2001) and 2 × 1021 cm−2 in a 3.′′4 beam
(Ekta et al. 2009). The inferred H i column density is even
higher, 7×1021 cm−2, with the smaller 2′′ beam in HST/GHRS
observations of Lyα absorption (Thuan & Izotov 1997).

In any case, the lower limits illustrated in Figure 2 prevent us
from concluding that model and observations are in complete
agreement, although this is strongly suggested. Adopting a
conservative approach, this comparison shows that observations
do not immediately rule out the KMT model on scales of
<100 pc; 5/7 of the galaxies here considered are consistent
with predicted curves. Although not crucial for the current and
remaining analysis, the quoted metallicity may in some cases
overestimate the dust and metal content which contributes to
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Figure 3. Comparison between the predicted ΣH i from the BR model (lines)
and observations (crosses) as a function of the stellar density in individual
GMCs and associations. Different curves are for choices of total gas density
(Σ′

gas = 50, solid line; Σ′
gas = 102, dotted line; Σ′

gas = 5 × 102, dashed line;
Σ′

gas = 103, dash-dotted line; and Σ′
gas = 104, long-dashed line). Observed H i

column densities are represented as lower limits on the local atomic gas column
density (see the text for further details). Observations rule out the BR model
once extrapolated below 100 pc.

the H2 formation. In fact, in the KMT model, it is the CNM
that plays a relevant role in regulating fH2 and the assumption
that the nebular metallicity reflects the metal abundances in the
cold ISM may not hold in all cases. Specifically, the optically
inferred metallicity used here is dominated by the ionized phase.
Studies of the metal enrichment of the neutral gas in metal-
poor dwarfs show that the neutral phase can be sometimes
less metal enriched than the ionized medium (e.g., Thuan
et al. 2005; Lebouteiller et al. 2004; Lecavelier des Etangs
et al. 2004). Furthermore, galaxies with the lowest nebular
metallicities have similar neutral gas abundances, while dwarfs
with higher ionized nebular metallicities can have up to ∼7
times (Lebouteiller et al. 2009) lower neutral ISM abundances
(see however Bowen et al. 2005). A recent interpretation for this
effect is that although mixing is effective in diffusing new metals
from ionized regions, due to the larger volume, the enrichment
is modest (Lebouteiller et al. 2009). This justifies the use of a
single metallicity for multiple GMCs since, in the worst case,
we would overestimate by some factor the local metal content.
Data points, especially the ones at higher metallicity, would be
offset to lower values and the parameter space common to data
and model would increase, mitigating the discrepancy found at
Z′ ∼ −0.5.

4.1.2. The BR Model Predictions Below 100 pc

Turning our attention to the BR model, we test predictions
(lines) against the observed ΣH i (crosses) in Figure 3. Stel-
lar densities are available for individual GMCs measured from
high-resolution HST images. Therefore, while multiple obser-
vations overlap in metallicity in Figure 2, here we show distinct
data points for the same galaxy. Once again, different curves
are for a selection of total gas density (Σ′

gas = 50, solid line;
Σ′

gas = 102, dotted line; Σ′
gas = 5×102, dashed line; Σ′

gas = 103,
dash-dotted line; and Σ′

gas = 104, long-dashed line); observed
H i column densities are represented as lower limits on the local
atomic gas column density. When stellar densities are partic-
ularly uncertain (see discussion in Appendix A), we plot both
lower and upper limits connected with a dotted line.

Fumagalli+	  2010	  
Bolatto+	  2011	  

KMT09	  

Also	  see	  talk	  by	  Dana	  Ficut-‐Vicas	  on	  Monday	  
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Nevertheless, the differences between the star formation histories
of the clouds simulated in these four runs are relatively small, despite
the significant differences that exist in the chemical make-up of the
clouds. The presence of H2 and CO within the gas appears to make
only a small difference in the ability of the cloud to form stars.
Furthermore, the fact that a cloud that does not form any molecules
is not only able to form stars, but does so with only a short delay
compared to one in which all of the hydrogen and a significant
fraction of the carbon is molecular is persuasive evidence that the
formation of molecules is not a prerequisite for the formation of
stars.

Examination of the nature of the stars formed in these four sim-
ulations is also informative. Naively, one might expect that in the
absence of molecular cooling, or more specifically CO cooling, the
minimum temperature reached by the star-forming gas would be
significantly higher. If so, then this would imply that the value of
the Jeans mass in gas at this minimum temperature would also be
significantly higher. It has been argued by a number of authors (e.g.
Jappsen et al. 2005; Larson 2005; Bonnell, Clarke & Bate 2006) that
it is the value of the Jeans mass at the minimum gas temperature in
a star-forming cloud that determines the characteristic mass in the
resulting initial mass function (IMF). Following this line of argu-
ment, one might therefore expect the characteristic mass to be much
higher in clouds without CO. However, our results suggest that this
is not the case. In runs C, D1 and D2, the mean mass of the stars that
form is roughly 1–1.5 M! (Fig. 1, bottom panel) and shows no clear
dependence on the CO content of the gas. Indeed, the mean mass
is slightly lower in run C, which has no CO, than in run D2, which
does. The mean stellar mass that we obtain from these simulations
is slightly higher than the characteristic mass in the observation-
ally determined IMF, which is typically found to be somewhat less
than a solar mass (Chabrier 2001; Kroupa 2002). However, this is
a consequence of our limited mass resolution, which prevents us
from forming stars less massive than 0.5 M!, and hence biases our
mean mass towards higher values. (We return to this point in Sec-
tion 3.3.) In run B, we again find a greater difference in behaviour,
but even in this case, the mean stellar mass remains relatively small,
at roughly 2 M!. It therefore appears that the presence or absence
of molecules does not strongly affect either the star formation rate
of the clouds or the mass function of the stars that form within them.

Conspicuous by its absence from our discussion so far has been
run A, the run in which we assumed that the gas remained optically
thin throughout the simulation. In this run, we find a very different
outcome. Star formation is strongly suppressed, and the first star
does not form until t = 7.9 Myr, or roughly three global free-fall
times after the beginning of the simulation. The results of this run
suggest that it is the ability of the cloud to shield itself from the
effects of the ISRF, rather than the formation of molecules within
the cloud, that plays the most important role in regulating star
formation within the cloud (cf. Krumholz, Leroy & McKee 2011).

3.2 Thermal and chemical state of the gas

3.2.1 Temperature distribution

In order to understand why molecular gas appears to be of only
very limited importance in determining the star formation rate, it is
useful to look at the thermal state of the gas in the different runs
at the point at which they begin forming stars. This is illustrated in
Fig. 2 for runs B, C, D1 and D2. For comparison, we also show the
temperature distribution of the gas in run A at t = 2.3 Myr (i.e. at
a similar time to the other four runs, albeit roughly 5.6 Myr before

Figure 2. Gas temperature plotted as a function of n, the number density of
hydrogen nuclei, in runs B, C, D1 and D2 (panels 2–5) at a time immediately
prior to the onset of star formation in each of these runs. Note that this
means that each panel corresponds to a slightly different physical time. For
comparison, we also plot the temperature of the gas as a function of density
in run A (panel 1, at the top) at a similar physical time, t = 2.3 Myr, although
in this case, this is long before the cloud begins to form stars.

run A itself begins to form stars). The first point to note is the basic
similarity of the temperature distribution in most of the runs. In runs
B, C, D1 and D2, the temperature decreases from roughly 100 K at n
∼ 10 cm−3 to 10 K at n = 105 cm−3 and to 8 K at n = 106 cm−3. This
corresponds to a relationship between temperature and density that
can be approximated as T ∝ ρ−0.25 at n < 105 cm−3, or a relationship
between pressure and density P ∝ ρ0.75, in good agreement with
the relationship P ∝ ρ0.73 proposed by Larson (1985, 2005). The
fact that the effective equation of state of the gas is significantly
softer than isothermal (i.e. P ∝ ρ) means that the local Jeans mass
decreases rapidly with increasing density within the cloud, a factor
which is known to greatly assist gravitational fragmentation (see

C© 2012 The Authors, MNRAS 421, 9–19
Monthly Notices of the Royal Astronomical Society C© 2012 RAS

Glover	  &	  Clark	  2012	  
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collapse in dense gas once the Truelove criterion is violated does
not necessarily invalidate all of our subsequent results: the key
question is how much gas is found in unresolved regions. To
quantify this, we examined intermediate output dumps of den-
sity, internal energy, and H2 fraction from each of our standard
runs, determined which zones were unresolved in each case, and
computed the fraction of the total gas mass in resolved regions,
fres, and the fraction of the total H2 mass in the same resolved
regions, fres;H2

, for every output time for each run. The values of
fres and fres;H2

that we found at the end of each run are summa-
rized in Table 3.

We found that in most of our simulations, we resolved zones
containing more than 90% of the mass and of the H2 for the
whole duration of the simulation, and that in our highest resolu-
tion run (MT512) we resolved more than 99.8% of the mass and
99.4% of the H2. The only run in which our resolution was sig-
nificantly poorer than thiswas our lowest resolution 643 runMT64,
in which we resolve no more than 50%Y60% of the gas mass and
H2 mass. We therefore argue that any errors we make in following
the subsequent evolution of regions that fail to satisfy the Truelove
criterion will not have a major effect on the evolution of hxH2

iM
and so will not significantly alter our main conclusions.

5. H2 DISTRIBUTION

5.1. Morphology

In addition to determining the timescale for H2 formation, we
would also like to know how the resulting H2 is distributed in the
gas. We can get an immediate visual impression of this by look-
ing at how xH2

varieswithin a planar slice taken from the simulation

TABLE 3

fres and fres;H2 for All Runs in Table 1

Run fres(tf ) fres;H2
(tf )

MT64................................ 0.640 0.558

MT128.............................. 0.974 0.935

MT256.............................. 0.996 0.990

MT512.............................. 0.998 0.994
MT64-ng .......................... 0.999 1.000

MT128-ng ........................ 1.000 1.000

MT256-ng ........................ 1.000 1.000
MT512-ng ........................ 1.000 1.000

MT256-nr ......................... 0.883 0.877

MT256-RT ....................... 0.996 0.992

MT256-th3e2 ................... 0.998 0.993
MT256-th1e3 ................... 0.997 0.988

MT256-th3e3 ................... 0.999 0.992

MT256-T100.................... 0.997 0.992

MT256-CR....................... 0.997 0.993
MT256-L10...................... 1.000 1.000

MT256-L30...................... 0.987 0.971

MT256-L40...................... 0.985 0.963

HT256 .............................. 0.992 0.986
MT256-Bx2...................... 1.000 1.000

MT256-Bx10.................... 1.000 1.000

MT256-v1 ........................ 0.936 0.847
MT256-v2.5 ..................... 0.968 0.931

MT256-v5 ........................ 0.979 0.953

MT256-n10 ...................... 1.000 1.000

MT256-n30 ...................... 1.000 1.000
MT256-nRT-n10 .............. 1.000 1.000

Note.—The quantity fres is the fraction of the total gas
mass that is situated in zones that satisfy the Truelove cri-
terion, computed at the end of each simulation; fres;H2

is
the fraction of the total H2 mass situated in these zones.

Fig. 5.—(a) Slice in the x-y plane through 5123 zone run MT512 at time
t ¼ 1:9 Myr showing the spatial variation of the H2 fraction. We have used the
fact that our simulations were performed with periodic boundary conditions to
shift the image so that the zonewith the highest gas density lies at the center of the
figure. (b) Same as (a), but for a slice in the x-z plane.

Fig. 5a

Fig. 5b
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Figure 3. Face- and edge-on views of the largest galaxy in our fiducial simulation
A. Blue translucent color represents volume rendering of atomic hydrogen
density, while orange color shows the location of the molecular gas (as the
isosurface of fH2 = 0.5 value). This figure is best viewed in color.

Figure 4. Temperature plotted against the total gas number volume density for
all maximum refinement level (level 9) cells at z = 4, for simulation A.

A visual representation of our fiducial simulation A is shown
in Figure 3. The molecular gas traces spiral arms well, which
are less pronounced in the atomic gas. The molecular disk is
both smaller and thinner than the atomic disk. However, since
our spatial resolution is only 50, we do not resolve individual
molecular clouds. Instead, the orange colored surface in the
image shows the boundary of the mostly molecular (fH2 > 0.5)
gas.

3.1. Gas Phases and Atomic-to-Molecular Transition in the
ISM of Model Galaxies

Figure 4 shows the temperature in degrees Kelvin plotted
against the total volume number density of neutral hydrogen
for our fiducial simulation (A). Points in this and subsequent
plots in this subsection show cells at the highest resolution level
(level 9; the physical size of 52 pc at z = 4), which cover

the large fraction of the disks of galaxies forming in the high-
resolution Lagrangian region of the simulation. This plot clearly
shows a well developed multiphase structure of the ISM in these
disks. In particular, three different gas phases are evident: (1)
the hot, ionized, low-density gas in the upper left part of the
diagram; (2) the warm neutral medium around T ∼ 104 K
and nH ∼ 0.1–10 cm−3; and (3) the cold neutral medium with
T ∼ 10–100 K at nH > 100 cm−3. The transition from the
warm neutral to cold neutral phase occurs over a narrow range
of gas densities around a few tens cm−3, in good agreement
with the models of the MW ISM (which has similar metallicity
to our model) of Wolfire et al. (2003).

Although not apparent in Figure 4, the cold neutral medium
undergoes a transition from atomic to fully molecular phase
at the gas density of nH ≈ 100 cm−3. Figure 5 shows the
molecular fraction, fH2 = 2nH2/(nH I + 2nH2 ), as a function
of the total neutral hydrogen volume number density. The three
panels correspond to simulations with decreasing metallicity
(left panel: simulation A, Z = Z$; middle panel: simulation
B1, Z = 0.3 Z$; right panel: simulation B2, Z = 0.1 Z$).
A sharp transition from fully atomic to fully molecular gas
occurs at high gas densities, with the characteristic density of
the transition increasing with decreasing metallicity. The gas
density at which the molecular fraction is 50% scales with
metallicity approximately as

nt % 30
(

Z

Z$

)−1

cm−3. (7)

This trend is not surprising, as the atomic-to-molecular tran-
sition is facilitated by the dust opacity: when dust opacity is suf-
ficiently high to shield the gas from UV radiation, the transition
to molecular medium can occur (self-shielding only becomes
dominant at higher molecular fractions). As the metallicity in-
creases, the amount of dust available to shield the gas from UV
also increases, and the atomic-to-molecular transition can occur
at lower densities.

To compare these results with observational measurements
in Figure 6 we plot the molecular fraction against the total
neutral hydrogen column density, using a logarithmic vertical
scale, for simulations A, B1, B2. We overplot the Far Ultraviolet
Spectroscopic Explorer (FUSE) measurements of the molecular
fraction in the MW halo and disk (left panel), in the Large
Magellanic Cloud (LMC; middle panel), and in the Small
Magellanic Cloud (SMC; right panel) compiled by Browning
et al. (2003) and Gillmon et al. (2006). In the left panel, we
also plot data for the MW from Wolfire et al. (2008), and
on the right panel, we show the data for SMC from Leroy
et al. (2007). The metallicities of the ISM in these galaxies
approximately correspond to the metallicities adopted in the
models against which we compare them. In all cases, the column
density at which the molecular fractions begin to increase
rapidly and the sharpness of the transition are well reproduced
in our simulations. For the solar metallicity case, this transition
corresponds to the maximum surface density of atomic hydrogen
of about 10 M$ pc−2, in concordance with the measurements of
molecular and atomic gas surface densities in nearby galaxies
(Wong & Blitz 2002; Blitz & Rosolowsky 2006; Bigiel et al.
2008). The observed trend of the atomic-to-molecular transition
column density to decrease with increasing metallicity is also
quantitatively reproduced in our calculations.

Figure 6 does not illustrate the relationship between the
atomic and molecular gas inside mostly molecular gas, when

L	  ~	  10	  pc;	  Glover	  &	  Mac	  Low	  2007	   L	  ~	  1	  kpc;	  Gnedin+	  2009	  	  

See	  also	  Pelupessy+	  2009,	  Christensen+	  2012	  
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Figure 2. Time history of Rmol for models with average number density
30 (black, gray) and 300 (green, blue) cm−3. Canonical models (solid) are
compared with G0 models lacking radiation (dashed), G10 models with 10 times
higher radiation (dash-dotted), L5 models with smaller boxes (dotted), and low
metallicity models with 0.3 (blue dot-dashed) and 0.1 (blue, gray dashed) the
canonical metallicity. The models with varying levels of radiation in the high
density case almost entirely overlap each other. Thin horizontal lines and arrows
show the predictions from the equilibrium calculation described by McKee &
Krumholz (2010) as given in Equation (8). The predictions for the radiation-
free G0 models are Rmol → ∞, while the high-radiation, low-density case, as
well as a number of other models, is predicted to have Rmol = 0, as indicated
by the arrows at the top and bottom of the plot. The very weak dependence
of our models on radiation strength directly contradicts the prediction of the
equilibrium models.
(A color version of this figure is available in the online journal.)

H2 is forming and also fast local molecule growth in those
enhancements.

We do note that the equilibrium models in the intermediate
regime give the qualitatively correct result of H2 formation
at moderate densities. Although this is neither quantitatively
correct nor extendible to other regimes, it nevertheless means
that observational comparisons that rely only on this qualitative
result can be successfully made to the equilibrium models.

The value of Rmol in our models depends on the metallicity,
through its regulation of the dust density, and thus the H2
formation rate. However, only our very lowest density and
metallicity model n30-Z01 approaches an equilibrium value
during the 20 Myr that we ran our models. This suggests that
real molecular clouds rarely find themselves in equilibrium with
the diffuse radiation field because their lifetimes are not long
enough (Fukui & Kawamura 2010). Instead, they are probably
dissociated and dispersed by intense, local, UV radiation from
newly formed stars.

4.2. Observations

Averaged over kiloparsec scales, the average temperature,
magnetic pressure, and turbulent velocity dispersion of the cold,
neutral medium vary little, with TCNM ∼ 60–70 K (Wolfire
et al. 1995, 2003), field strength B ∼ 5 µG (Heiles & Troland
2003) or perhaps 20% higher as seen in observations of external
galaxies (Beck 2005), and turbulent Mach number Mt ∼ 5

(Heiles & Troland 2003). Ostriker et al. (2010) argue that
this roughly constant effective dynamical temperature comes
from self-regulation of star formation. The roughly constant
dynamical temperature suggests that the apparent dependence
of the fraction Rmol on pressure Pm given in Equation (2) may
actually reflect a density dependence, as already suggested by
Blitz & Rosolowsky (2004).

Figure 1 indeed shows a clear density dependence, but it
also shows strong time dependence, raising the question of
what molecular fraction should actually be compared with the
observations. If the hypothesis holds that molecular clouds
actually form during large-scale gravitational instability as
discussed in Section 1, then the characteristic time in their
lives at which clouds will be observed is a free-fall time
(Equation (10)) after gravitational collapse begins in cooled
atomic gas. Our models do not begin with clumped atomic gas
as the actual ISM does. Instead, the turbulent flows initialized on
the grid clump the gas over a finite time δtc (Equation (16)). In
order to account for this effect, we have taken the zero point in
time for this comparison to be δtc rather than the initial time of
our models. We emphasize that the observations show an order-
of-magnitude scatter around the average Rmol–Pm correlation,
so that using a characteristic time to describe a time-dependent
process appears likely to be consistent with the observations if
they catch clouds at different points in their evolution centered
around a free-fall time.

Each of our models has a fixed average density nH given in
Table 1. We use that value to compute the average pressure in
our models

P = nHkTCNM + 〈B2〉/8π + 0.5µHnHv2
rms, (17)

where we assume that TCNM = 60 K, and the mean mass per
particle µH = 2.11×10−24 appropriate for atomic gas with 10%
helium by number. Because our models are subject to dynamo
generation of magnetic field from the initial value, we use the
actual values of the average magnetic pressure at each time
rather than the initial value.

We then use Equation (2) to derive the value and standard
deviation of Rmol predicted by Blitz & Rosolowsky (2006) for
the pressure for that model by setting Pm = P . We also derive
values of Rmol from the spiral and dwarf samples of Leroy et al.
(2008). The spiral sample has Rmol = (10−4.23Pm/k)0.80, while
the dwarf sample has Rmol = (10−4.51Pm/k)1.05. All of these
values are plotted in Figure 3 at times tff(nH) after the beginning
of evolution of our models.

We find that our models predict the observed Rmol across
more than an order of magnitude in pressure, with an accuracy
better than the scatter in the observationally derived relations
themselves. The ability to predict not just a single value, but
a whole family of values accurately suggests that we have
captured the important physics of the variation of the molecular
fraction Rmol with the estimated midplane pressure.

5. DISCUSSION

5.1. Influence of Numerical Resolution

Figure 3 shows that the values of Rmol we find in our L = 5pc
simulations are systematically higher at late times than those
found in our L = 20 pc simulations. (This is in addition to the
early-time differences discussed above that occur because of
the difference in crossing time tdyn between the two box sizes.)
Since both sets of runs were performed with the same numerical

5

Depends	  on	  size	  scale	  and	  gas	  
metallicity:	  
•  >	  100	  pc	  scales:	  yes	  on	  average	  
•  ~10	  pc	  scales:	  maybe;	  

simulations	  suggest	  no,	  but	  
observations	  suggest	  yes,	  	  

Krumholz	  
&	  Gnedin	  
2011	  

Mac	  Low	  &	  Glover	  2012	  



Equilibrium	  Timescales	  

•  H2	  forms	  slowly:	  tH2	  ~	  1/nR	  ≈	  100	  Myr/n1C Z’	  

•  Gas	  cools	  quickly:	  tcool	  ~	  (T/91	  K)	  /	  kCII-‐H	  δC	  n	  =	  

0.04/n1C Z’	  (T/91	  K)	  exp(91	  K/T)	  Myr	  

•  At	  low	  Z’,	  can	  have	  tcool	  <<	  tff	  <<	  tH2	  è	  SF	  

should	  take	  place	  before	  bulk	  of	  gas	  forms	  H2	  
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Implication:	  SF	  in	  HI!	  
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Figure 2. Gas metallicity (top), the stellar mass (middle), and the radiation
field (bottom) of fully resolved model galaxies vs. their star formation rate. The
error bars on the metallicity and radiation field points show the 10%–90% range
of these properties measured in the individual galaxies. The sets of colored
points correspond to the three redshifts in the simulation that cover the range of
redshifts probed by the observed systems of Wolfe & Chen (2006). Black filled
circles, crosses, and open squares are the observational measurements for LBG
galaxies from Mannucci et al. (2009), Erb et al. (2006), and Pettini et al. (2001),
respectively. Black squares are measurements for GRB host galaxies from Chen
et al. (2009).

but in agreement with the typical radiation fields measured in
high-redshift galaxies (Chen et al. 2009).

3.2. The Kennicutt–Schmidt Relation at High Redshifts

Figure 3 shows the KS relation between star formation and
gas surface densities at z = 3 for galaxies formed in our
cosmological simulations. The SFR is averaged over 20 Myr,
and the gas and SFR surface densities are measured on the
scale of 500 pc. We have verified that our results are robust to
changes in the averaging scale (as long as the scale is !200 pc)
and the period of time over which the star formation rate is
averaged (for time intervals smaller than 30 Myr). The figure
shows that the predicted KS relation for the z = 3 galaxies is
significantly steeper than the relation for z = 0 galaxies (the
Kennicutt 1998 fit to local galaxies is shown by the dashed

Figure 3. KS relation for the simulated galaxies at z = 3 (red): the solid line
shows the mean relation, while the hatched band shows the rms scatter around
the mean. The total surface density ΣH ≡ ΣH i + ΣH2 takes into account only
neutral gas. The dotted and short-dashed lines show the mean KS relations
for the atomic and molecular hydrogen, respectively. A solid blue line shows
the mean relation only for gas with metallicities below 0.1 Z", which more
closely corresponds to the range of observed metallicities in the DLAs. The
long-dashed line is the best-fit relation of Kennicutt (1998) for z ≈ 0 galaxies.
The gray shaded area shows the measurements of the KS relation in LBGs
(M. Rafelski et al. 2010, in preparation). The solid circle at high gas surface
density shows measurements of SFR and molecular gas surface densities for
the lensed z ≈ 3 LBG cB58 (Baker et al. 2004a). Solid squares and triangles
show observational upper limits for the z ≈ 3 DLA systems from Wolfe &
Chen (2006), assuming two geometrical models for the atomic gas distribution
in the DLA systems (squares: uniform disks; triangles: isolated clouds). The
three different points of each type correspond to the three representative choices
of the smoothing angular scale in Table 1 of Wolfe & Chen (2006). Error bars
on the triangles reflect the current uncertainty in the high-end slope of the DLA
column density distribution.

line) at ΣH " 100 M" pc−2 and its amplitude is an order of
magnitude lower than the amplitude of the Kennicutt (1998)
fit at ΣH " 50 M" pc−2. The corresponding ΣSFR–ΣH2 and
ΣSFR–ΣH i correlations in Figure 3 show that the steep ΣSFR–ΣH
relation is due to the rapidly decreasing ratio of molecular
to atomic gas, ΣH2/ΣH i, at ΣH " 100 M" pc−2. Likewise,
the surface density at which H i surface density saturates is
≈50 M" pc−2, considerably larger value than saturation surface
density observed for local galaxies (e.g., Wong & Blitz 2002).

The predicted KS relation for z ∼ 3 galaxies is consistent
with the recent measurements of star formation densities in
LBGs by M. Rafelski et al. (2010, in preparation), which are
shown as a gray band in Figure 3, and are complemented by the
measurement of ΣSFR and ΣH for the lensed z ≈ 3 LBG cB58
(Baker et al. 2004a) at high gas surface density.

Our simulations are also consistent with the upper limits
on star formation surface density in the z ≈ 3 DLA systems
obtained by Wolfe & Chen (2006), which are shown in Figure 3
with solid triangles and squares. The three different points of
each point type correspond to the three representative choices of
the smoothing angular scale in Table 1 of Wolfe & Chen (2006).
Solid squares show the original limits of Wolfe & Chen (2006).
However, these limits were derived assuming a specific model
of “monolithic” gaseous disks for DLA systems. This model

Gnedin	  &	  Kravtsov	  2010	   Kuhlen+	  2012	  

z	  ~	  3	   z	  ~	  4	  
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Not	  Quite	  So	  Simple	  
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Figure 8. The evolutions of the gas metallicity and stellar mass, and the star
formation histories. In each of the panels, the dashed line represents DnoH2
and the solid line represents DH2. The top panel shows the mean gas-phase
metallicity for the largest progenitor of final galaxy. The middle and bottom
panels show the star formation histories. In these two plots, all star particles
within the galaxy at z = 0 are included. The middle panel shows the cumu-
lative star formation histories (stellar mass formed as a function of time).
The bottom panel shows the SFRs over time. There is a very slight decrease
in star formation in DH2 prior to z = 4. In general, though, the star forma-
tion rates track together with the slightly higher rates in DH2 reflecting the
greater disk mass.

In order to compare the distribution of stars and star forma-
tion in the two galaxies at z = 0, we used SUNRISE to determine
the radially-binned B-V colors for the galaxies when oriented face-
on (Figure 10). Overlaid on the plot are vertical lines representing
the locations of r25. DH2 had much more spatially extended star
formation, as can seen by the blue colors that extend out to sev-
eral kpc in radii. This extended star formation is evident in a larger
stellar disk, characterized by the greater value of r25. This distribu-
tion of colors is consistent with observations of the color profiles of
dwarf irregular galaxies in van Zee (2000). In contrast, DnoH2 is
distinctly blue at the center and surrounded by a dim, redder pop-
ulation. This color profile indicates that the small amount of star
formation at z = 0 was extremely concentrated at the center of the
galaxy. Therefore, the addition of H2 resulted not only in galaxies

Figure 9. B-V color versus B-band magnitude for the simulated galaxies
overlaid on observations of field dwarfs from van Zee (2000) (grey aster-
isk). The diamond represents DnoH2 and the square represents DH2. The
inclusion of H2 resulted in the dwarf galaxy being brighter and bluer, indi-
cating a greater amount of on-going star formation.

Figure 10. Color as a function of radius for DnoH2 (dashed line) and DH2
(solid line). The vertical lines represent r25 for each galaxy. The bluer col-
ors at the optical radii in DH2 indicate on-going star formation throughout
a larger area of the disk.

with greater amounts of star formation at z = 0, but also caused star
formation to occur over a larger extent.

3.6 Kennicutt-Schmidt Relation

Based on the changes to the star formation caused by the inclu-
sion of H2, it is important to compare the star formation laws in
both simulated galaxies to the observed K-S relation. The K-S re-
lation has been observed both as the global K-S relation on galaxy
wide scales (Kennicutt 1998) and as the resolved K-S relation on
hundred-parsec scales (Bigiel et al. 2008). The existence of a global
K-S relation implies a consistent relationship between star forma-
tion and gas surface density when averaged over the entire disk of
the galaxy. On the sub-kpc scale, the correlation requires this re-
lationship hold even as smaller star-forming regions begin to be
resolved.

Star formation recipes in simulations that are based on the
free-fall time, as ours is, imply a K-S relation for gas above the star
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Figure 9. As Fig. 5, but comparing the SFHs for the reference model
(black, solid), which uses a fixed threshold density for SF, to that of model
SFTHRESZ (red, dashed), for which the SF threshold decreases with metal-
licity as predicted by Schaye (2004). The threshold densities in the two
models agree for a metallicity of 0.1 Z!. Both simulations use a 25 h−1 Mpc
box and 2 × 5123 particles. At very high redshift, the metallicity is low and
the total SFR is smaller for SFTHRESZ because it has a higher threshold
density at this point. Below z = 6 the situation is reversed, but the differ-
ence between the SFHs is very small, suggesting that the cosmic SFR is
dominated by galaxies that are able to regulate their SFRs.

z < 6 the SFR is slightly higher than in the REF model, which
indicates that the metallicity of the star-forming gas is typically
higher than 0.1 Z!, but the effect is marginal. Apparently, after
a brief period in which the SFR is dominated by haloes that are
just resolved and therefore just starting to form stars, the predicted
SFRs become insensitive to the SF threshold. This suggests that
the galaxies are able to regulate their SFRs. We will provide more
evidence for this below.

4.5.2 The Kennicutt–Schmidt star formation law

As discussed in Section 3.1.3, gas on the effective EOS is al-
lowed to form stars at a pressure-dependent rate that reproduces
the observed Kennicutt–Schmidt law (Kennicutt 1998), !̇∗ =
A(!g/1 M! pc−2)n, with A = 1.515 × 10−4 M! yr−1 kpc−2 and
n = 1.4. The normalization (A) and slope (n) are constrained by
observations, but remain controversial (e.g. Blanc et al. 2009). To
develop an understanding of the physical role of the SF law, we
have carried out one run with a different slope and two with differ-
ent amplitudes.

Fig. 10 compares a run with n = 1.75 (model SFSLOPE1p75;
red, dashed) with our reference model, which uses n = 1.4. The
SF laws are in both cases normalized at !g = 1 M! pc−2, which
is below the threshold and hence implies that the SFR is higher for
all densities in the run with the steeper slope SF law. For z > 6,
the cosmic SFR is indeed higher in the run with n = 1.75. This is
expected because at these high redshifts, the SFR is dominated by
haloes that are just resolved and therefore just starting to form stars.
These galaxies have not yet had time to become self-regulating,
and their SFRs are inversely proportional to the gas consumption
time-scales implied by the SF law.

Below z = 6, however, the SFRs in the two runs are nearly indis-
tinguishable. This strongly suggests that the galaxies are regulating
their SFRs such that they produce the same number of stars, and thus

Figure 10. As Fig. 5, but comparing the SFHs for models with varying
Kennicutt–Schmidt SF laws. Model SFSLOPE1p75 (red, dashed) assumes
a power-law slope n = 1.75 whereas the other models use our fiducial
value n = 1.4. For models SFAMPLx3 (blue, dot–dashed) and SFAMPLx6
(olive, dotted) the amplitude of the SF law has been multiplied by factors
of 3 and 6, respectively. All simulations use a 25 h−1 Mpc box and 2 ×
5123 particles. At very high redshift, when the SFR in the simulations is
dominated by poorly resolved haloes, a more efficient SF law yields a higher
SFR. After this initial phase the SFH is insensitive to the assumed SF law,
which suggests that it is dominated by galaxies that are able to regulate their
SFRs.

the same amount of SN energy, irrespective of the gas consumption
time-scale. If a galaxy of a given halo mass, and hence with a fixed
accretion rate, injects too little SN energy for a galactic outflow
to balance the accretion rate, then the gas fraction, and hence the
SFR, will increase. If, on the other hand, the SN rate is higher than
required to balance the infall, then the gas fraction, and thus the
SFR, will decrease. We thus expect that when the SF efficiency is
changed, the galaxies will adjust their gas fractions so as to keep
their SFR fixed. In Haas et al. (in preparation), we show that this is
indeed what happens.

Finally, Fig. 10 shows that models in which the amplitude of
the SF law is multiplied by factors of 3 (SFAMPLx3; blue, dot–
dashed) and 6 (SFAMPLx6; olive, dotted), respectively, show the
same behaviour. Initially, the SFR increases with A, but the SFR
then quickly asymptotes to a fixed SFH. Observe that the two runs
with higher amplitudes converge to a common evolution before the
reference model joins them. This is because galaxies can regulate
their SF more quickly if the SF efficiency is higher. Apparently,
the cosmic SFR in the reference model only becomes dominated
by self-regulated galaxies by z = 6. Note that higher resolution
simulations may well find that self-regulation dominates already at
higher redshifts because they can resolve SF in the progenitors of
our lowest mass galaxies.

4.6 Intermediate-mass stars

Previous numerical studies of the cosmic SFH have mostly used the
instantaneous recycling approximation (but see e.g. Oppenheimer
& Davé 2008; Crain et al. 2009), which means that star particles
eject all the products of stellar evolution immediately following
their formation. Moreover, individual elements are typically not
tracked. Instead, each gas element carries only a single metallicity
variable and relative abundances are assumed to be solar. Further-
more, such simulations neglect mass loss, i.e. star particles change
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Why	  different	  than	  Kuhlen+,	  Krumholz	  &	  Dekel?	  
Probably	  feedback.	  



Summary	  

•  HI	  /	  H2	  transition	  tracks	  warm	  /	  cold	  transition	  due	  to	  

radiation-‐shielding	  competition	  

•  Non-‐equilibrium	  effects	  become	  important	  at	  low	  Z	  

•  Shielding	  depends	  on	  Z,	  resulting	  in	  SF	  rate	  that	  
depends	  on	  metallicity	  

•  This	  may	  have	  important	  effects	  for	  galaxy	  formation	  

at	  the	  dwarf	  end,	  but	  this	  depends	  on	  the	  feedback	  



Computing	  fH2	  in	  Galaxies	  
(Krumholz,	  McKee,	  &	  Tumlinson	  2008,	  2009;	  McKee	  &	  Krumholz	  2010)	  

What	  is	  χ	  ∝	  (σd	  /R)	  (E0
*/	  n)?	  

• Dust	  opacity	  σd	  and	  H2	  
formation	  rate	  R	  both	  ∝	  
Z,	  so	  σd	  /	  R	  ~	  const	  

• CNM	  dominates	  
shielding,	  so	  n	  is	  the	  CNM	  
density	  

• CNM	  density	  set	  by	  pressure	  balance	  with	  WNM,	  and	  
nCNM	  ∝	  E0

*,	  with	  weak	  Z	  dependence.	  

⇒ 	  	  	  χ	  ∝	  (σd	  /R)	  (E0
*/	  n)	  ~	  1	  in	  all	  galaxies!	  

Allowed	  nCNM	  

FGH	  curves	  for	  MW	  (Wolfire	  et	  al.	  2003)	  



The	  Star	  Formation	  Law	  
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